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ABSTRACT

We perform a series of radiative magnetohydrodynamic simulations to understand the amplification mechanism of the
exceptionally strong horizontal magnetic field in delta-type sunspots. In the simulations, we succeed in reproducing the delta-type
sunspot and resulting strong magnetic field exceeding 6000 G in a light bridge between the positive and negative polarities.
Our conclusions in this study are summarized as follows: (1) The essential amplification mechanism of the strong horizontal
magnetic field is the shear motion caused by the rotation of two spots. (2) The strong horizontal magnetic field remains the
force-free state. (3) The peak strength of the magnetic fields does not depend on the spatial resolution, top boundary condition,
or Alfvén speed limit. The origin of the rotating motion is rooted in the deep convection zone. Therefore, the magnetic field in
the delta-spot light bridge can be amplified to the superequipartition values in the photosphere.
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1 INTRODUCTION

Sunspots are the most prominent feature on the solar surface. Because
of the strong magnetic field in the sunspots, the convection energy
transport is significantly suppressed, and the sunspot area is dark-
ened. Typically, the strongest magnetic field is observed at the centre
of the spot, that is, the darkest region (umbra, Keppens & Martinez
Pillet 1996; Solanki 2003). The maximum magnetic field strength
is generally 2500 G, and horizontal magnetic fields reach 1000 G
around the penumbra/quiet-sun boundary of sunspots. Livingston
et al. (2006) report a 6100 G magnetic field in the umbra as the
strongest field from the statistical data collected between 1917 and
2004.

Several exceptions, that is, the strong magnetic fields outside
the umbra, are also reported. Tanaka (1991) discovers a 4300 G
horizontal magnetic field in a delta-type spot using Big Bear Solar
Observatory data in 1971. The strong magnetic field locates at a
light bridge between the positive and negative spots. Zirin & Wang
(1993) report several observations and also show a strong (>3500 G)
horizontal magnetic field around the polarity inversion line (PIL).
More recently, Okamoto & Sakurai (2018) analyse the Hinode
SOT/SP data of NOAA 11967 and through the Milne-Eddington
inversion technique recover a field strength of 6250 G at a light
bridge along the PIL. Later, Castellanos Durén et al. (2020) apply
the stratified inversion method that takes into account the point spread
function of SOT to the same data set as Okamoto & Sakurai (2018),
finding that the strongest field strength is 8200 G at the 7 = 1 layer,
where 7 is the optical depth.
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At the solar surface, the typical density is p =2 x 1077 g cm™,
the typical convection velocity is v, = 4 km s~!, and the typical gas
pressure is p = 7.6 x 10* dyne cm™2. These lead to the equipartition
magnetic field strengths against the kinetic Begkiny and internal Beg(ing
energies of

Beq(kin) = 1/47'(,01)3 ~ 600 G, (1)

Begiiny = v/ 8mtp ~ 1400 G, (2)

respectively. Thus, the magnetic field strength of more than 6000 G
is significantly superequipartition. Flow and gas pressure originating
in the photosphere are not sufficient to amplify and maintain such a
strong magnetic field. We use the average velocity and gas pressure
for this discussion. These can be larger locally and amplify the
magnetic field more on a small scale. For example, the small-scale
dynamo calculation shows a field of 2500 G at maximum (Rempel
2014). The value is still not enough to explain the observed 6000 G.
Also, the strong magnetic field found in the observations has a larger
spatial scale than the convection scale, and we need some coherent
amplification mechanism(s). Okamoto & Sakurai (2018) suggest that
the compression by the Evershed flow from one spot to the other
produces the observed strong magnetic field. However, because the
creation of such a strong field may not only be caused by the surface
mechanisms but is probably linked to the dynamics in the deep layers,
a detailed radiation magnetohydrodynamic (MHD) simulation that
can address the spot generation from the deep convection zone is
needed.

The flux emergence and sunspot formation involve the radiation,
the convection, the ionization, and the stratification. There have
been several calculations that include all these processes (Cheung
et al. 2010; Stein & Nordlund 2012; Rempel & Cheung 2014; Chen,
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Rempel & Fan 2017). These studies basically model regular sunspots
rather than the delta-type sunspot, and their bottom boundary is
located in a relatively shallow layer (<30 Mm). In addition, magnetic
flux is often kinematically injected from the bottom boundary.

Recently, we succeed in reproducing delta-type spots in a deep
domain calculation (Toriumi & Hotta 2019, hereafter TH19). A
large-scale flow in the deep region causes the collision of two spots
with opposite polarities, and the delta-type spot is created in the
photosphere (see also Chatterjee, Hansteen & Carlsson 2016). We
have already found a strong magnetic field (~4000 G) in TH19. In
this study, we adopt the simulation setup similar to TH19 but increase
the magnetic flux to explore the possibility of a stronger magnetic
field in the delta-type spot. Then, the amplification mechanism of
such a field is studied. To verify the validity of the amplified magnetic
field in our simulation, we change the several numerical settings such
as the resolution, top boundary condition, and Alfvén speed limit.

The rest of the paper is structured as follows. Section 2 describes
the setting of the numerical simulation. Section 3 shows the calcula-
tion results of the formation of the strong horizontal magnetic field
and its amplification mechanism. In Section 4, we summarize our
results.

2 MODEL

We solve the 3D MHD equation with the radiation using the R2D2
code (Hotta, Iijima & Kusano 2019; Hotta & Iijima 2020, hereafter
HI20) in the Cartesian geometry (x, y, z), where x and y are the
horizontal directions and z is the vertival direction. z = O indicates the
photosphere. To relax the constraint on the time-step by the fast speed
of sound in the deep convection zone, we adopt the (Reudced Speed
of Sound Technique (RSST), Hotta et al. 2012; Hotta, Rempel &
Yokoyama 2015). The overall settings are the same as those in HI20.
In this study, we only adopt the artificial viscosity and thus there is
no explicit parameter for the diffusion.

We also use the Alfvén speed limit in the low-g region above the
photosphere in order to relax a severe constraint by the CFL condition
with the fast Alfvén wave there. Rempel, Schiissler & Knolker (2009)
suggest the method by suppressing the Lorentz force. In most cases,
we use the Alfvén speed limit Cpay of 40 km s~!. For the purpose
of this study, that is, finding the strength of the magnetic field in the
photosphere, it is important to discuss the validity of this method.
Thus, we vary Cpax to 80 and 160 km s~! in two cases.

According to Rempel (2012), the appearance of penumbral struc-
tures is significantly affected by the choice of the top boundary
condition. We here follow Rempel’s (2012) definition of the param-
eter o, which controls the top boundary condition. The parameter «
is multiplied to the horizontal components of the potential magnetic
field, B, and B,, to control the inclination of the field, and the vertical
distribution of the field is modified in such a way that it satisfies
the divergence free condition (see equation B3 of Rempel 2012 for

Table 1. Overview of numerical simulations.
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Figure 1. Calculation procedure.

the detailed definition of «). For most of the cases that include
the photosphere, we adopt o = 1, that is, the top boundary is the
potential magnetic field. In one exceptional case, where we still have
the photosphere, the top boundary condition is chosen to be o = 2,
making the magnetic field more horizontal than the potential field.
In one case, we choose o = 2, in which the magnetic field at the top
boundary is more horizontal than the potential magnetic field.

The calculation domain extends 98.304 Mm in the horizontal
direction and 202.537 Mm in the vertical direction except for Case
DEEP. For all the cases, the bottom boundary is at the base of the
convection zone (z = —0.29 Ry, where Ry = 696 Mm).

2.1 Calculation procedure

Our calculation procedure is shown in Fig. 1 and the setup
is summarized in Table 1. We start our calculations from the
low-resolution deep convection zone run that lacks the pho-

Case Number of grids Period Zmax Magnetic field Radiation transfer Cnax o
DEEP 256 x 256 x 256 90d —0.01Rn No N/A N/A N/A
HYDRO 384 x 1024 x 1024 5d 700 km No One ray N/A N/A
FE1 384 x 1024 x 1024 33.3h 700 km Yes One ray 40 km s~! 1
FEM 256 x 2048 x 2048 22.5h 700 km Yes Multirays 40 km s~! 1
FEM80 256 x 2048 x 2048 10h 700 km Yes Multirays 80 km s~! 1
FEM160 256 x 2048 x 2048 10h 700 km Yes Multirays 160 km s~ 1
FEMo 256 x 2048 x 2048 10h 700 km Yes Multirays 40 km s~! 2
FEMH 384 x 4096 x 4096 2h 700 km Yes Multirays 40 km s~! 1
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tosphere with the top boundary at 0.99Rg, resolved by the
number of grid points of 256° (Case DEEP). The computation speed
is accelerated by omitting the photosphere because we can circum-
vent the calculation of small-scale, short-lived, granular convection.
Case DEEP continues for 90 d. The typical convection time-scale in
the deep convection zone is 30 and 90 d corresponds to three turn
over times. However, Hotta et al. (2019) show that calculations for
75 and 360 d yield almost the same stratification. Thus, we conclude
that 90 d is enough for relaxation.

The calculation domain is extended to include the photosphere
(Case HYDRO). From here, the top boundary is at 700 km above the
average T = | surface. The resolution is upgraded to 384 x 1024
The horizontal grid spacing is 96 km, which is acceptable for
resolving the photosphere. We use non-uniform grid spacing in the
vertical direction, which is 48 km and 1.5 Mm at the photosphere and
the base of the convection zone, respectively. This grid spacing of
1.5 Mm is acceptable for resolving the deep convection zone, where
the pressure scale height is 60 Mm. Case HYDRO continues for
five days. Then, statistically steady convection covering the whole
convection zone is prepared. This approach is justified because the
near-surface layer does not have a significant influence on the deep
convection (Hotta et al. 2019).

From Case FEI1, we start the flux emergence simulations. The
force-free twisted flux tube is inserted at a depth of 22 Mm. We use
the Bessel function for the force-free flux tube (see HI20 for the
details). The axial magnetic field at the centre and the radius of the
flux tube are 10* G and 10 Mm, respectively. The total magnetic
flux is 1.35 x 10%? Mx, which is twice larger than that in TH19
to have stronger magnetic field in the photosphere. We define the
beginning of Case FE1 as t = 0. In this case, we only solve two rays
for the radiation transfer; thus, only upward and downward energy
transfers are allowed. We call this method the one-ray radiation
transfer. Case FEI continues for 92.7 h. The initial location of the
flux tube is shown in Fig. 2. The coherent large-scale downflow
at the centre of the calculation domain pins down the middle of
the flux tube, whereas the two ends emerge to the photosphere.
As a result, the sunspots of opposite polarities collide with each
other to generate a delta-type spot in a self-consistent manner (the
multibuoyant segment scenario: see Toriumi et al. 2014; TH19 for the
details).

After the initial sunspots are created at + = 33.3 h, we upgrade
the calculation to Case FEM, in which the number of grids is
256 x 20482, The horizontal grid spacing is 48 km. We keep the
48 km vertical grid spacing in Case FEM in the photosphere, but the
grid spacing at the base of the convection zone is made coarse by
using a spacing of 3 Mm because the details of the convection in the
deep layer do not have a significant influence on the sunspot evolution
in the photosphere. From here, we use the multiray radiation transfer.
We solve 24 rays (see Appendix A for the details of the calculation
scheme). The one-ray radiation transfer prohibits the horizontal
radiation energy transfer, and the convection pattern tends to show
unrealistic small-scale features in high-resolution calculations. In
addition, we adopt the potential magnetic field at the top boundary
(o« = 1). In this study, we mainly analyse the Case FEM.

By using the data at + = 43.3 h of the Case FEM, we restart
Cases FEM80, FEM 160, and FEMe«. In Cases FEM80 and FEM 160,
we change the Alfvén speed limit to Cpa = 80 and 160 km s~ !,
respectively. In Case FEMa, we adopt a = 2, in which the magnetic
field at the top boundary is more horizontal than the potential
magnetic field. Cases FEM80 and FEM160 continue for 10 h,
whereas Case FEMa continues for 14 h. In these cases, the other
settings are the same as those of Case FEM.

Strong magnetic field in delta-type sunspot 2927
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Figure 2. The initial location of the flux tube in Case FE1. Quantities at z =
—22 Mm, where the initial flux tube is inserted. The colour contour shows
the vertical velocity v,. The black contour lines show By, which correspond
to 2500, 5000, and 7500 G.

The data at t = 51.3 h of Case FEM are upgraded to a higher
resolution and restarted as Case FEMH. The number of grid points
in Case FEMH is 384 x 40962. The grid spacing in the photosphere
is 24 km in all three directions. We still use the non-uniform vertical
grid spacing, which is 3 Mm at the base of the convection zone. Case
FEMH continues for 2 h. Fig. 3 shows the emergent intensity in Case
FEMH.

The change of resolution implies the difference in the numerical
diffusivity. With a higher resolution, we can capture small-scale
features. Since the difference of the resolution mainly influences
the small scales, which have much shorter time-scales, the relaxation
occurs in much smaller time-scales than the typical convection time
scale, which is several minutes in the photosphere.

3 RESULT

3.1 Overall evolution

In this subsection, the overall evolution of the flux tube and the
generated sunspots are explained. Fig. 4 shows the evolution of the
unsigned magnetic flux at the T = 1 surface. The solid and the dashed
lines indicate the results from Cases FEM and FE1, respectively. The
black lines are the unsigned magnetic flux in the whole computational
domain. The red and blue lines show the magnetic flux in the
regions with the intensities less than 80 per cent and 50 per cent of
the averaged photospheric intensity /5, respectively, which roughly
correspond to the penumbral and umbral regions. The maximum
unsigned magnetic flux is almost 5 x 10%* Mx, which is well within
the solar range (<2 x 10?: Toriumi et al. 2017), indicating that
our setup of the magnetic flux is applicable to the Sun. We note
that the magnetic flux reaches the steady state after + = 60 h, that
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Figure 3. The emergent intensity at 7 = 53.3 h in the highest resolution case
(Case FEMH). A movie for Case FEMH is available online.
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Figure 4. Evolution of the unsigned magnetic flux on the t = 1 surface. The
solid and dashed lines show the results of Cases FEM and FE1, respectively.
The black line indicates the magnetic flux over the whole computational
domain. The red and blue lines are the magnetic flux in regions with intensities
less than 80 per cent and 50 per cent of the average photospheric intensity /o,
respectively.

is, the magnetic flux does not decrease. This plateau indicates that
the amount of photospheric flux in the delta-spot simulations does
not decrease as fast as in the other flux emergence simulations (see
HI20). However, we do not discuss the spot decay in detail in the
present study. The calculation duration of Case FEM is shorter
than that of Case FE1 but covers the period of the peak unsigned
magnetic flux (zr = 45 h). The overall evolution of the magnetic
flux is similar between Cases FE1 and FEM, but we see a distinct
difference, especially in the blue lines (I < 0.515), corresponding
to the umbra. This indicates that the resolution and/or the radiation
transfer treatment can affect the umbral evolution.
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Figure 5. 3D volume rendering of the magnetic field strength (panels a, c,
and e) and the normalized entropy ((s — (s))/srms: panels b, d, and f). The
grey surface around the top boundary shows the emergent intensity at the t =
1 surface. A movie for Case FEI is available online.

Fig. 5 shows the evolution of the 3D structure of the flux tube
and the normalized entropy in Case FE1. The left-hand panels show
the magnetic field strength |B|, and the right-hand panels are the
normalized entropy (s — (s))/sims, Where s is the specific entropy. (s)
and s,,s are the horizontally averaged and root-mean-square (rms)
entropy for Case HYDRO, respectively. The results show a large-
scale coherent downflow in the centre of the calculation domain
that extends to the deeper layer (z < —150 Mm, red clump at the
centre of the calculation domain extending from the photosphere to
the deep layer, see also the movie). Because the convection time
scale in the deeper layer is long (~30 d), the overall structure of
this downflow does not change during the calculation period of
Case FE1 (Figs 5b, d, and f). This long-lived coherent downflow
is the essential origin of the delta-type spot in this study. Upflow
beside the coherent downflow causes the rising of the flux tube
and the formation of the sunspot in the photosphere. The coherent
downflow in the deep region causes the convergent flow between the
two sunspots, and they approach each other (Fig. 5c). Then, the two
sunspots collide to form a delta-type sunspot. We note that the force-
free state is broken as the flux tube starts to rise. The density decreases
in the flux tube and the gas pressure gradient plays a significant
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Figure 6. The emergent intensity (panels a, c, e, and g) and the magnetic
fields at 7 = 0.01 (panels b, d, f, and h) in Case FEM. The grey scale and the

red arrows show the vertical and horizontal magnetic fields, respectively. A
movie for Case FEM is available online.

role in maintaining the force balance of the flux tube (see also
HI20).

Fig. 6 shows the emergent intensity and the magnetic field on the
7 = 0.01 surface in Case FEM. When the two sunspots are separated
from each other, the sunspot magnetic field is mostly vertical, and the
horizontal magnetic field strength is only a few thousand Gauss at
maximum (Figs 6a and b). As the two sunspots approach, penumbra-
like structures are constructed between them (Fig. 6¢). The horizontal
magnetic field perpendicular to the PIL becomes intensified (Fig. 6d).
At t = 52 h, the two sunspots reach each other, and the horizontal
magnetic field exceeds 6000 G.

Fig. 7 presents a comparison between Cases FEM, FEMu, and
FEMH. Figs 7(a), (c), and (e) indicate the emergent intensity; and
(b), (d), and (f) depict the vertical velocity on the T = 1 surface.
All panels show the quantities at # = 53.3 h. While the photospheric

Strong magnetic field in delta-type sunspot 2929
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Figure 7. The emergent intensity (panels a, ¢, and e) and the vertical velocity
(panels b, d, and f) in Cases FEM (panels a and b), FEM« (panels ¢ and d),
and FEMH (panels e and f). All the data are at 1 = 53.3 h. The vertical velocity
is measured on the t = 1 surface. A movie for Case FEMu is available online.

surface is filled with fine-scale structures in Case FEMH (panels e
and f), the overall structure, such as the width of the light bridge
between the two sunspots, is similar to that of the lower resolution
run (Case FEM: panels a and b). The typical width of the filamentary
structure across the PIL is 1 Mm for both Cases FEM and FEMH. One
notable difference between Cases FEM and FEMH is the intensity
in the umbra. Case FEMH (Fig. 7e) shows lower intensity in the
umbra than that in Case FEM (Fig. 7a). Rempel (2012) suggests that
the numerical diffusivity causes a mass diffusion and the resulting
increase of the umbral dot. Case FEMH has less numerical diffusivity
than Case FEM, which probably is the cause of the reduced umbral
intensity in Case FEMH. This result implies that the actual Sun would
show smaller umbral intensity than the simulations shown in this
paper since the actual Sun has much smaller diffusivity. The vertical
velocity structures in Cases FEM and FEMH are almost identical.
Along the light bridge, one may find the region of weak upflows at
the edges of the sunspot on the right. The corresponding region of
the left sunspot is filled with downflows. Some fluctuations may be

MNRAS 498, 2925-2935 (2020)

20z Iudy 81 uo 1senb AQ 8YEGE8S/SZ6Z/2/861/910IME/SEIUW/WOO"dNO"0IWSPEE//:SARY WOl papeojumod



2930 H. Hotta and S. Toriumi

found in this flow structure, but the upflow—downflow relation does
not change along the light bridge.

Case FEMu (Figs 7c and d) exhibits significantly different features
from Cases FEM and FEMH. Specifically, the width of the light
bridge in Cases FEM and FEMH is 2-3 Mm, which is larger than 5
Mm in Case FEMu. In response to this change, the area of the umbrae
is decreased. Rempel (2012) reveals that the increase of o extends
the length of the penumbra, but the umbral area is not influenced
significantly in his comparison (see figs 2 and 3 of Rempel 2012). We
expect that the difference in topology, that is, whether the sunspots
are isolated or delta type, causes this decrease in the umbral area.
Another difference in Case FEMa from Cases FEM and FEMH is
found with regard to the vertical velocity, especially in the light
bridge (Fig. 7d). While the flow structure is coherent in Cases FEM
and FEMH, the flow in Case FEMw is somewhat messy. The left-
hand (right-hand) edge of the light bridge is mostly occupied by
the downflows (upflows). However, in some segments, this rule is
violated and the upflow (downflow) is observed.

Apart from the light bridge, coherent downflows are also ob-
served at the immediate edges of the umbrae (rather than at the
penumbra/quiet-Sun boundaries, which is regularly seen). Rempel
(2011) shows that the downflows at the umbral edges are created
when the spot lacks a penumbra. Without a penumbra, the deeper
layer around the umbra is exposed and the radiative energy loss
becomes significant, leading to the production of such downflows.
In our simulations, however, the downflows at the umbral edges
are observed even in the case with prominent penumbrae (Case
FEMa). Therefore, we conjecture that the spot rotation causes these
downflows. Because of the Lorentz force, the horizontal rotational
flow is bent to the vertical direction and the downflow is driven
there.

3.2 Dependence of strong magnetic field

Fig. 8 shows the horizontal magnetic field between two sunspots at
t = 53.3 h for Case FEM. Figs 8(a) and (b) indicate the emergent
\/B:+ B!
at T = 0.01, respectively. The maximum horizontal strength in this
period at = 0.01 and 1 exceeds 6600 and 7200 G, respectively.
Figs 8(c) and (d) present the profiles of the horizontal magnetic field
strength along the red dashed line in Figs 8(a) and (b), showing the
results at 7 =0.01 and 1, respectively. Because the density is larger on
the T = 1 surface than that at T = 0.01, the magnetic field strength is
slightly stronger on the T = 1 surface. Even at t = 0.01, the horizontal
magnetic field strength exceeds 6000 G in all cases. Cases FEM
(black), FEMS0 (yellow), FEM160 (blue), and FEMH (purple) show
almost the same profile of the horizontal magnetic field strength.
Case FEMa (green) shows a slightly stronger field around 45 Mm <
y < 60 Mm, but the peak magnetic field around y = 40 Mm is almost
the same as for the other cases except for Case FE1. This finding
makes a marked contrast with the result in Rempel (2012). Rempel
(2012) shows that a larger « causes a large horizontal magnetic field.
While this is true in our calculations, the horizontal field of the
light bridge does not depend on the top boundary condition. Case
FE1 displays a slightly different magnetic field strength in some
positions. In Case FEI, the calculation cannot properly resolve the
fine-scale filamentary structures, potentially leading to this slight
difference.

The consistency of the results with different numerical conditions
indicates the robustness of our result, especially of the exceptionally
strong magnetic fields. The fact that the different Alfvén speed limits

intensity and the horizontal magnetic field strength By, =

MNRAS 498, 2925-2935 (2020)

(dr=1

Figure 8. The strength of the horizontal magnetic fields in different numer-
ical settings are compared. All data are sampled at = 53.3 h. Panels (a) and
(b) show the emergent intensity and the horizontal magnetic field strength at
the 7 = 0.01 surface for Case FEM. The cases are compared in panels (c)
and (d) and show the horizontal magnetic field along the red dashed lines in
panels (a) and (b).

do not influence the peak strength of the horizontal magnetic field
indicates that these magnetic fields are in a force-free state. Fig. 9
shows a quantity:
(VxB)-B
cos = ———, 3)
|V x B||B|
on z = 0. Because the Lorentz force Fy is expressed as F =
(V x B) x B/4m, the force is not acting when the electric current
and the magnetic field are parallel. If cos @ = 1, the current and the
magnetic field are parallel. Fig. 9 shows that the force-free state is
achieved within the light bridge, that is, the strong horizontal field
region.

3.3 Amplification mechanism of the exceptionally strong
horizontal magnetic field

In this subsection, we investigate the amplification and maintenance
mechanism of the strong horizontal magnetic field in the light bridge.

Figs 10(a)—(c) show the flow structures v,, vy, and v, at z = 0,
respectively. z = 0 is at approximately the same level as the T = 0.01
surface at the light bridge. Because the initial flux tube is twisted in
a right-handed manner to achieve the force-free state, the sunspots
in this phase are rotating clockwise by relaxing the twist. The flow
structure in the light bridge reflects this rotation. At the edge of
the left (right) sunspot, the horizontal flow is directed to the lower
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Figure 9. The cosine angle between the current and the magnetic field (V x
B) - B/|V x B||B|atz=0.If the value is unity, the current and the magnetic
field are parallel to each other. The line contours show the vertical magnetic
field B; at z = 0. Each contour corresponds to the absolute B, of 3500, 2500,
and 2000 G. The solid and dashed lines show positive and negative values,
respectively.
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Figure 10. The flow structure at z = 0. Panels (a)—(c) show vy, vy, and v,
respectively. The values are averaged between r = 48.3 and 53.3 h. Along
the green dashed line in the figures, we plot the values in Fig. 11. The line
contours show the vertical magnetic field B, averaged over the same period.
The contours correspond to 3500, 2500, and 2000 G. The solid and dashed
lines indicate positive and negative values, respectively.

left (upper right). This means that the light bridge is filled with a
divergent and sheared flow. The vertical flow in the centre of the
light bridge is a weak upflow and is surrounded by the downflow.
These vertical flows are also caused by the rotation.

To understand the evolution of the magnetic field, we investigate
the induction equation. The induction equation is written as

0B;
at

= Paavii) + Pempi) + Psuti» “)
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Figure 11. The terms in the induction equation along the green line in
Fig. 10. Panels (a) and (b) show the terms in the x- and y-component induction
equation. The black, red, and blue lines show Paqv(i), Pemp(i)» and Py,
respectively. The black dashed lines show the sum of all the terms.

where i = x, y, and z. The terms P,qay(i, Pemp(i)» and Pgy) denote
the advection, compression, and stretching, respectively. These are
expressed as

Puviy = — (v - V) B;, ©)
Bvi

Pewpiy =—Bi | Vv — ’ 6

p(i) ( VT ) (6)
8U,’

Pywiy = (B - V)v; — Biﬁ- @)

In this study, we omit B;dv;/di from Pepp;) and Py because dv;/di
has no influence on the evolution of the i-component magnetic field
(B;). We note that these terms are cancelled out when we discuss the
sum of the terms.

Fig. 11 shows the terms in the x- and y-component induction
equation along the green dashed line in Fig. 10. The black, red,
and blue lines represent Puqy(i), Pemp(i)» and Py, respectively. The
dashed line indicates the sum of these terms. The values are averaged
over the period of # = 48.3-53.3 h. While the magnetic field is
evolving during this period, the sum of the terms is much smaller
than the individual terms. The amplification of the magnetic field
takes about 10 h (from Figs 6d to h). Since the amplified magnetic
field strength is 6000 G, the amplification rate of the magnetic field
is about 0.2 Gs~!, which is two orders of magnitude smaller than
each term in the induction equations. Therefore, the best we can do is
to determine the contributing term(s) for the evolution (see also Siu-
Tapia et al. 2019). Regarding the x-component induction equation,
whose individual terms are plotted in Fig. 11(a), the contributing
factor is not clear. We cannot determine which term is important for
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Figure 12. Contribution to the amplification and maintenance of B,. The
panels show (a) By, (b) Pyaxz) = —9/0z(v;By), and (¢) Pyy(xy) = B;0v,/0z.
The values are averaged between ¢ = 48.3 and 53.3 h. Panels (b) and (c) are
smoothed with the Gaussian filter with a width of 100 km. The line contours
are the same as in Fig. 10.

the amplification and maintenance of the x-component field. This
is discussed further in the next paragraph. Meanwhile, Fig. 11(b)
shows that the y-component magnetic field B, is amplified by the
stretching. We note that the amplified y-component magnetic field
B, at the light bridge is negative and thus the negative values for
the terms correspond to the field amplification. Interestingly, the
compression term weakens the horizontal field B,, as this term is
positive, that is, the flow is diverging.

We perform further analysis on the evolution of x-component
magnetic field B, with Fig. 12. Figs 12(a)-(c) show By, Py =
Pagyv(rz) + Pemp(rz)» and Py, respectively, where

ad

Ptra(xz) = _87Z (Uz B,), ®)
v,

Pstr().‘z) = Bz TZ . (9)

These terms correspond to the vertical transport of B, and the
stretching of the vertical field B, in the direction of B,, respectively.
We find that these terms play the most important roles in enhancing
the magnitude of B,. In the centre of the light bridge, the vertical
transport term contributes to increase B,, while at the edge of the
light bridge, the vertical stretching creates B,. Both effects indicate
that the vertical magnetic fields from the two sunspots reconnect with
each other in the upper atmosphere above the light bridge (i.e. above
the PIL) and create arcade-shaped field lines. Then, the amplified B,
is transported downward and observed in the lower atmosphere at
7 =0.01 or z =0. It should be noted that the reconnection takes place
probably above the top boundary because of the potential boundary
condition and thus we do not directly observe the site of reconnection.

Fig. 13 shows the contribution to the y-component induction equa-
tion. Figs 13(a)—(c) describe By, Py, and Pepp.), respectively,
where

vy
Pstr(yx) = BXT;’ (10)
v,
Pempyr) = _Bya- (11)

These terms correspond to the stretching of the B, field in the
direction of B, and the compression of the x-component flow,
respectively. Again, these terms are found to be most critical to
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Figure 13. The format of this figure is the same as for Fig. 12, but the panels
are (a) By, (b) Pyu(yy) = Bxdvy/dx, and (¢) Pemp(yx) = —By0v,/0x.
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Figure 14. The vertical slice at y = 45 Mm. The red arrows show the
magnetic field on the x—z plane, and the colour contour represents By. The
solid and dotted lines indicate the T = 1 and 0.01 surfaces, respectively.

the evolution of B,. Fig. 13(b) shows that B, in the centre of
the light bridge is mainly amplified by the shear of v, (see also
Fig. 10b). Because there is a divergent flow in the centre of the light
bridge, the compression term decreases By. In contrast, at both edges,
the compression plays a primary role in amplifying the magnetic
field.

Our finding is confirmed by the vertical slice at y = 45 Mm
(Fig. 14). The red arrows show the magnetic field on the x—z plane
(By and B.). The grey scale represents B,. The solid and dashed
lines are the T = 1 and 0.01 surfaces, respectively. As discussed,
the arcade-shaped magnetic field across the PIL is seen in the upper
layer above t = 0.01. The strong B, is created around or below the
photosphere down to —5 Mm. As a result, a sheared arcade field is
created above the PIL. The established force-free state in this region
(Fig. 9) indicates that the magnetic pressure gradient of the axial field
B, and the magnetic tension of the other components B, and B, are
balanced.

Fig. 15 shows the horizontal flow (v, and vy: the red arrows) and
the vertical magnetic field (B,: colour contour) at z = —10 Mm
(panel a) and z = —20 Mm (panel b). At z = —10 Mm, both the
left and right sunspots show clockwise rotations, which is consistent
with the photosphere. In the deeper layer (z = —20 Mm), only the
right sunspot appears to rotate.
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Figure 15. The flow and the magnetic field at (a) z = —10 and (b) —20 Mm.
The grey scale and the arrows are the vertical magnetic field B, and the
horizontal flow, respectively.

4 SUMMARY AND DISCUSSION

We perform high-resolution radiative MHD calculations for the
formation of a strong horizontal magnetic field accompanied by
delta-type spots. We cover the whole convection zone with state-of-
the-art R2D2 code, and the large-scale turbulent convection generates
the delta-type spot. Our main conclusions are listed as follows.

(i) A greater than 6000 G magnetic field is reproduced at the T =
0.01 surface in the light bridge between the positive and negative
sunspots.

(i) The peak strength of the horizontal magnetic field does not
depend on the resolution, top boundary condition, or Alfvén speed
limit.

(iii) The amplified sheared field (i.e. the delta-spot light bridge) is
almost entirely force-free because of its twisted nature.

(iv) The essential amplified mechanism of the strong horizontal
magnetic field is the shear motion caused by the rotation of the two
sunspots.

(v) The origin of the rotation of the sunspots is the relaxation of
the initial twist of the flux tube, which is rooted at a depth of at least
10 Mm.

Fig. 16 summarizes the amplification mechanism of the strong
magnetic field.

In this calculation, we reproduce a significantly superequipartition
magnetic field. Any energy in the photosphere is not sufficient to
amplify the strong magnetic field achieved in this study. Fig. 15 shows
that the rotation is rooted in the deep layer, where the density is much
larger than in the photosphere.! The magnetic field is connected to
the deep layer, and the energy there can reproduce a strong magnetic
field at the photosphere. This is one of the key mechanisms of the
superequipartition magnetic field in the photosphere.

The present study shows that the contribution of the compression
term is to reduce the horizontal field strength because the flow field
is diverging in the light bridge because of the filamentary granular
convection. This result is in stark contrast to the previous idealized
delta-spot simulations without thermal convection by Toriumi &
Takasao (2017), in which the compression maintains the horizontal

'The density at 10 Mm depth is more than 3600 times larger than that in the
photosphere.
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Figure 16. Summary of the generation mechanism of the strong horizontal
magnetic field. The black arrows show the direction of the flows. The red
arrows are the direction of the magnetic field of the initial twisted flux
tube. The blue arrows indicate the magnetic field across the PIL caused
by magnetic reconnection between the vertical magnetic field lines in the
upper atmosphere. The orange arrows show the resulting strong magnetic
field amplified by the shear of the horizontal flow.

field because of the converging motions of the two spots. This
demonstrates the importance of performing realistic flux emergence
simulations.

The essential amplification mechanism of the strong horizontal
magnetic field is the stretching by the horizontal shear motion. This
indicates that the resulting magnetic field should be aligned with the
PIL. The magnetic field is, however, not aligned with it, especially in
the final stage (Fig. 6h). Because the light bridge locates between the
opposite-polarity sunspots, there is plenty of magnetic flux available
immediately above the PIL to amplify the magnetic field, which
arches over the PIL through magnetic reconnection. If the strong
horizontal field were not produced by the shear motion, the overlying
field across the PIL would sink into the convection zone because of
its magnetic tension. In reality, however, this downward motion is
inhibited by the magnetic pressure of the horizontal field. Therefore,
the overlying field across the PIL piles up on the light bridge, and
the resultant magnetic field is not necessarily parallel to the PIL.
It should be noted that while the flare-prolific delta spots tend to
possess highly sheared PILs (Toriumi & Wang 2019), in which
the filamentary convection cells are almost aligned along the PIL,
some of the strongest fields have been observed in the PILs where
the convection cells are less sheared and connect the neighbouring
spots (e.g. Wang et al. 2018). Thus, the field across the PIL can be
accumulated, and the resulting magnetic field does not have to be
parallel to the PIL.

While the generation mechanism of the exceptionally strong field
is the shearing motion from the realistic simulations conducted in this
study, we do not exclude other scenarios, such as the compression
of umbral fields because of the surface Evershed flow, suggested by
Okamoto & Sakurai (2018). Yet, the key question is how to create the
superequipartition field in the photosphere, and the possible answer
is the magnetic linkage to the deep layer.

The origin of the sunspot rotation is the initial twist of the flux
tube, which depends on our initial simulation setup. The twist begins
to be relaxed as the rising starts since the gas pressure has a role
in the force balance, and the relaxation process is the origin of the
sunspot rotation. Also, when the flux tube reaches the photosphere,
it expands due to the significant decrease of the density. This motion
relaxes the twist and causes the sunspot rotation at the photosphere.
The origin of the twist in the flux tube may be the deep convection
and global dynamo action. We need to carry out more comprehensive
calculations to address the ultimate origin of the sunspot rotation. In
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this study, the initial twist is determined to achieve the force-free
flux tube. It is not easy to observe the twist in the deep convection
zone directly. Our setup tends to show a somewhat larger rotation
rate compared with the observation (see TH19, Min & Chae 2009).
In this regard, the initial twist might be stronger than reality. Still,
the top boundary condition also affects the rotation rate (Cheung
et al. 2010) and we need more comprehensive investigations of the
relation between the initial twist, the rotation and the top boundary
condition to confirm the validity of the initial twist in our simulation.

The Reynolds numbers are much smaller and the Prandtl numbers
are much larger than those in the actual Sun. Our comparison
between FEM and FEMH, that is, different resolution, shows that
the difference in the Reynolds numbers causes minor influence on
the strong magnetic field. The higher Reynolds numbers in the actual
Sun would cause more efficient small-scale dynamo; thus, the small-
scale feature may be affected by the low Reynolds numbers in the
simulation. The difference in the Prandtl numbers mainly causes the
small-scale features (Brandenburg 2011).

The spot rotation originated in the deep layer drives the shear
motion in the photosphere in this study. However, there would be
several other ways to use the energy in the deep convection zone
for the generation of the strong magnetic field in the photosphere
through a shearing motion. For example, the translational motion of
the flux tubes and passing each other in proximity (i.e. flyby) may
cause the shearing of the spots in the photosphere, leading to the
generation of a strong magnetic field in between. To understand the
generation of a variety of sunspot fields in the photosphere, we need
to perform a parameter study of sunspot formation simulations in the
future.
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APPENDIX A: RADIATION TRANSFER WITH
MULTI-RAYS

We explained our method for the one-ray radiation transfer in HI20.
In this study, we adopt the multiray radiation transfer. We explain
additional aspects of the radiation transfer in this appendix.

We solve the radiation transfer equation with the grey approxima-
tion with the Rosseland mean opacity:
al
—=-I+S§, (A1)
aT
where 1, S, and t are the radiative intensity and S = oT*x is the
source function and o is the Stefan—-Boltzmann constant. As for
the angular quadrature, we adopt Carlson set A4 quadrature (Carl-
son 1963), where the direction-cosine f,, = (Kxomys Kyoms Meom))
= (V7/9. 1/3, 1/3), (1/3, J7/9. 1/3), (1/3, 1/3, /7/9). The
point weight is w,, = 1/3 for all the m. This angular quadrature
defines three directions per octant. Therefore, in total, we solve the
24 rays.

Fig. Al shows the schematic of a radiation ray (green line)
and the locations where the values are defined. In the R2D2, the
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Figure A1l. Schematic of a radiation ray and the locations where the values
are defined.

MHD variables are defined in the cell centre (red point). To
evaluate the variables at the cell vertex (blue points), we use the
linear interpolation with eight neighbouring cell centre variables in
logarithmic space as

1
log Qiv12.j+1724+12 = g(log Oijx +10g O; i1

+ log Qi j11.k +10g2 Qi 11 k41
+1og Qiq1jk +10g Qiti )it
+10g Qi1 j+1.4 +10g Qi1 jr1k41)- (A2)

To evaluate the variables on a surface for the upstream of a ray
(green point), again we use the linear interpolation with four cell
vertex variables in the logarithmic space.
The length of the ray A/, in a cell is calculated as
Ax Ay A
Al, :min( x,—y, —Z) ,
Mx Ky Mz
where Ax, Ay, and Az are the grid spacings in x-, y-, and z-
directions, respectively. The optical depth along each radiation ray
Art,, is calculated as

(A3)

Al
Aty = / pred (ALL) . (A4)
0

where « is the opacity. Then, the intensity on the downstream value on
a vertex (Iq(n) is calculated with the formal solution of the radiation
transfer equation with the upstream value (/) as:

Id(m) = Iu(m) exp (_Atm)
ATy
+ / S (At),) exp (—At, + A1) d (A1),) . (AS)
0

For evaluation of equations (A4) and (AS), we use the same scheme
as HI20.

For evaluating the radiation heat, we need to obtain the mean
intensity J and the radiation flux F, which are defined as:

F:/ I;Lda):47IZmemIm, (A6)
47t m

1
J = s . Idw = ;wmlm. (AT)
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First, we evaluate the radiation flux and the mean intensity at each
vertex with the presented formula. Then, we interpolate these to the
cell surface and the cell centre, respectively, as:

Feivi,j00 = Z(Fx(i+1/2,j+1/2.k+l/2)
+ Fus1/2,j41/2.6-1/2)
+ Fus1/2,j-172.641/2)
+ Fris1/2,j-172.k-1/2))5 (AB)

1
Fyigizio = 7By i

+ Fyiv1/2,j41/2.6-1/2)

+ Fyi-1/2.j41/2.4+1/2)
+ Fyi—12,j+1/2.k=1/2))5 (A9)

1

Fyijkryy = Z(Fz(i+l/2.j+l/2,k+1/2)
+ Foit1/2,j-1/2.k+1/2)
+ Fi1/2,j41/2.k+1/2)

+ Foi—1/2,j-1/2.k+1/2)s (A10)

and
Jijx = g(]i+1/2,_;‘+1/2,k+1/2 + Jiv1)2,j41/2k-172

+Jiv12 120412 + Jiv1/2.j-1724k-172

+Jic1p 2012 + ic12 4120102

+Jici2 120412 + Jic12, j—1/2,k—1/2)- (A1)
Then, the radiative heating is calculated as
Qr=-V-F (A12)
Q) =dmkp(J —9). (A13)

We follow the method suggested by Bruls, Vollmoéller & Schiissler
(1999) for evaluating the radiative heating Q,,q as:

T T
ow=0rew (-1 ) +or[i-ew (1))

where 7 is the optical depth measured from the top boundary and
79 = 0.1. In an optically thick layer, J and S take similar values and
thus the accuracy of Q; decreases. The radiative flux in the optically
thick layer is almost vertical, and Qf keeps the accuracy. Thus, we
adopt Qp there. In contrast, the radiative flux in an optically thin
layer becomes more isotropic; the orientation of the flux influences
the radiative heating significantly. Therefore, in an optically thin
layer, we adopt Q; instead.

(A14)
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